Observations reveal concentrations of molecular line emission on the sky, called "clumps," in dense, star-forming molecular clouds. These clumps are believed to be the eventual sites of star formation. We study the three-dimensional analogs of clumps using a set of self-consistent, time-dependent numerical models of molecular clouds. The models follow the decay of initially supersonic turbulence in an isothermal, self-gravitating, magnetized fluid. We find the following. (1) Clumps are intrinsically triaxial. This explains the observed deficit of clumps with a projected axis ratio near unity, and the apparent prolateness of clumps. (2) Simulated clump axes are not strongly aligned with the mean magnetic field within clumps, nor with the large-scale mean fields. This is in agreement with observations. (3) The clump mass spectrum has a high-mass slope that is consistent with the Salpeter value. There is a low-mass break in the slope at ∼ 0.5 M ⊙ , although this may depend on model parameters including numerical resolution. (4) The typical specific spin angular momentum of clumps is 4 × 10 22 cm 2 s −1 . This is larger than the median specific angular momentum of binary stars. Scaling arguments suggest that higher resolution simulations may soon be able to resolve the scales at which the angular momentum of binary stars is determined.
1. introduction Star forming molecular clouds are observed to be highly inhomogeneous in molecular line emission and continuum absorption studies. They contain relatively empty voids as well as dense "clumps" and denser "cores" within these clumps. One expects that stars will form in the densest parts of molecular clouds, and clumps are indeed correlated with young stars (Williams et al. 1994; Phelps & Lada 1997) . Clumps (or cores) therefore appear to be the immediate precursors of clusters, small groups, or individual stars in the interstellar medium; they constitute the initial conditions for star formation.
Theoretical models of diffuse precursors to stars were, until recently, confined to static or quasi-static equilibrium models. Mouschovias (1976) constructed numerical models of static, axisymmetric, magnetically supported, self-gravitating equilibria (see also: Barker & Mestel 1996; Li & Shu 1996; Galli & Shu 1993; Baureis et al. 1989; Tomisaka et al. 1988a,b; Mestel & Ray 1985) . These models do not include the effects of turbulence. Quasi-static models, in which the effects of turbulence are included as an effective pressure, fixed by an assumed equation of state, have been constructed by Lizano & Shu (1989) (see also Myers & Fuller 1992; McLaughlin & Pudritz 1996; Curry & McKee 2000) .
Both the static and quasi-static approach have weaknesses. The static, magnetically supported models predict oblate cores, flattened perpendicular to the mean magnetic field (but see Fiege & Pudritz 2000) . Observations yield shapes apparently more consistent with prolate clumps (Myers et al. 1991; Ryden 1996) , and little correlation between field direction and clump shape (Heiles et al. 1993) . They also do not include the effects of turbulent velocities, which are directly observed through their contribution to the linewidth of molecular line transitions even at small spatial scales (e.g. Goodman et al. 1998) .
The quasi-static models, on the other hand, account for turbulent velocities by invoking a steady turbulent pressure. It not immediately apparent that supersonic turbulence like that observed in molecular clouds would act to prevent collapse, since the turbulence itself leads directly to compressions that might accelerate collapse. Recent numerical simulations show, furthermore, that supersonic magnetized turbulence dissipates in a dynamical time Mac Low 1999) . If these simulations correctly represent conditions in molecular clouds then even an approximate steady state cannot be achieved unless momentum is continually injected into the cloud.
Three-dimensional (3D), dynamic numerical models of molecular clouds have recently become practical (e.g., Vázquez-Semadeni et al. 1998 and the references therein; Stone et al. 1998; Mac Low 1999; Padoan & Nordlund 1999; Pichardo et al 2000; Ostriker et al. 2001 ). They do not impose a high degree of symmetry on the cloud and allow a largely self-consistent treatment of turbulence, although due to numerical diffusion they have a much lower effective Reynolds numbers than real interstellar clouds. In this paper we will study the density concentrations that arise self-consistently from self-gravitating turbulence in a set of numerical models.
Before we proceed, it is worth discussing the limitations of the model and the approximations that we use.
1
Our models integrate the equations of isothermal, compressible, self-gravitating, ideal magnetohydrodynamics (MHD). The isothermal approximation is used because realistic, time-dependent heating and cooling that treats the transfer of line radiation out of the cloud is, at present, out of numerical reach (but see Juvela et al. 2001 ). The model is fully self-gravitating, however, we use periodic boundary conditions in our solution of the Poisson equation. This distorts the gravitational field from what it would be in an isolated cloud by introducing additional tidal forces (although real clouds are not isolated, tidal forces are smaller). The numerical model is "ideal" in the sense that we do not include any explicit physical diffusion coefficients. All dissipation occurs in shocks, where it is captured by an artificial viscosity, or via numerical diffusion at the grid scale. Thus we do not model physical diffusion processes such as ion-neutral drift. This is almost certainly important in the dense regions of clouds, but an accurate treatment of the ionization, particularly UV ionization, that would motivate dynamical studies of non-ideal clouds is also numerically out of reach.
This paper is organized as follows: In §2 we give our definition of a "clump." In §3 we describe our numerical methods and tests and give a qualitative and quantitative description of the evolution of the runs. The clump mass spectrum is described in §4. The distribution of clump shapes in described in §5, the orientation of the clumps with respect to the local and global magnetic field is described in §6, and a discussion on the clump spin angular momentum is given in §7. A summary and comparison with earlier work is given in §8.
clumps: definitions
Our first task is to define a "clump." Any definition is somewhat arbitrary, much as the designation "mountain" 1 is arbitrary in topography. The definition should be: (1) physically motivated; (2) related to definitions used by observers in molecular line studies of clouds; (3) simple to describe; (4) easy to apply. Ultimately we are motivated by the desire to characterize those dense regions in molecular clouds that turn into stars. adopted the following definitions: a region of size > ∼ 10 pc over which mean hydrogen number density n H2 ∼ 10 2 cm −3 is called a "complex", a region of size ∼ 1 pc over which n H2 ∼ 10 3 cm −3 is termed a "clump" and a "core" refers to a region of size ∼ 0.1 pc over which n H2 ∼ 10 4 cm −3 . A complex is well sampled by the CO J = 1 → 0 transition, a clump can be traced by the J = 1 → 0 line of 13 CO while a core is traced by the (J, K) = (1, 1) line of NH 3 . The choice of 10 4 cm −3 as the fiducial density has several advantages, e.g., some easily observable molecular lines have effective critical density of this order.
There are two frequently-applied algorithms for identifying clumps in molecular line data. Each begins with intensity data in two space plus one velocity coordinates (l−b−v space). The first algorithm, GAUSSCLUMPS, uses a fitting procedure that removes objects with a constrained gaussian shape from the data (e.g. Stutzki & Güsten 1990) ; it is analogous to the CLEAN algorithm used in radio interferometry. The second algorithm, CLUMPFIND, identifies intensity maxima in l − b − v space (Williams et al. 1994) , then assigns each "pixel" (i.e., each channel in a spectrum) to be a member of the clump associated with the nearest intensity maximum.
These algorithms all implicitly make the assumption that the velocity coordinate v is somehow related to the line of sight distance z, i.e. that widely separated material that happens to lie at the same velocity is not confused in projection. As we have previously shown using simulated data sets (Ostriker et al. 2001 ; see also Pichardo et al 2000; Ballesteros-Paredes & Mac Low 2002) , this assumption may frequently not be satisfied for moderate-density condensations, although for rarer high-density peaks it probably is. With a suitable source function and radiative transfer scheme, it is possible to generated simulated l − b − v data cubes for molecular transitions with varying critical densities, and thus to ascertain exactly when v is expected to be a valid surrogate for z. We defer consideration of this interesting and important problem to a later publication.
For the present work, we take advantage of our direct access to all three spatial coordinates in simulated data to study clumps in the unprojected density field. We associate clumps with spatial maxima in the density in much the same way that CLUMPFIND associates clumps with maxima in the intensity. Our algorithm operates as follows. Find all density maxima r i . Then associate every zone r that lies above a threshold density ρ t with the nearest r i . Each r i , together with the surrounding material that lies above the threshold density, is then a clump.
This algorithm is easy to implement and explain. It has one parameter ρ t . A potential problem is that the density may contain small variation near the density maxima (are the Grand Tetons one mountain, or three?). If these variations occur on the grid scale, they may be purely numerical in origin. We can test the degree to which these variations split up what would otherwise be single clumps by smoothing the density and picking r i to be maxima of the smoothed density. This introduces one additional parameter, the smoothing length ∆.
What is the relationship of the 3D clumps described here with those seen by observers, in projection? As mentioned above, preliminary work (Ostriker et al. 2001) indicates that projection effects can be important. In each section below we will apply the same clump analysis to both the column density and the density as a way of evaluating the importance of projection effects.
3. numerical method, tests, and run evolution We evolve the equations of isothermal, self-gravitating, compressible, ideal MHD using a numerical method based on the ZEUS code (Stone & Norman 1992a,b) . It is a time-explicit, operator-split finite difference algorithm on a staggered mesh. Density and internal energy are zonecentered, while velocity components live on zone faces. The magnetic portion of the code uses the "method of characteristics" to evolve the transverse components of the magnetic and velocity field in a manner that assures the accurate propagation of Alfvén waves. The magnetic field is represented by fluxes through zone faces; these fluxes are evolved using "constrained transport," (Evans & Hawley 1988 ) which preserves the constraint ∇ · B = 0 to machine precision.
The gravitational acceleration is obtained by differencing the gravitational potential. The potential is calculated using a Fourier transform technique. The gravitational kernel is defined by
2 ). This kernel ensures that the natural finite difference form of the Poisson equation is satisfied. Notice that in a periodic domain the Poisson equation becomes
Evidently the periodic boundary conditions alter the potential from what it would be in an isolated cloud. The difference is most pronounced away from density maxima.
In regions with ρ ≫ρ the potential is less affected by the periodic boundary conditions. This can be verified by explicit construction of sheetlike equilibria, which we have done.
We use an isothermal equation of state p = c 2 s ρ, c 2 s = const. This models the effect of efficient heating and cooling, and is appropriate when the cooling time is much shorter than the dynamical time.
Numerical convergence is a serious concern for the calculations presented here, particularly for the case of clumps that are only a few zones in size. The self-gravitating isothermal MHD equations will, under a broad range of circumstances, evolve toward density singularities (i.e. stars) that are unresolved. Many aspects of "protostellar" turbulence, however, may be insensitive to the internal structure of small, high-density regions. Certainly this is the assumption on which our numerical investigation is undertaken. At a minimum, however, we must only measure quantities on well-resolved scales.
Initial and Boundary Conditions
This paper considers a set of three numerical models which differ in magnetic field strength. Several aspects of evolution and structure for the same three models have previously been investigated by Ostriker et al. (2001) . Each model has a numerical resolution of 256 3 zones. The models are evolved in a periodic cubic domain of length L. The initial density and magnetic field are uniform. The initial velocity field, δv, is chosen to be a divergence-free Gaussian random field with power spectrum v 2 k ∼ k −4 . This slope is compatible with Larson's law; see, e.g., Myers & Gammie (1999) . The perturba-
s , although initially δB = 0. No further perturbations are added over the course of the evolution; these are decay simulations.
An important parameter of the model is the strength of selfgravity. At fixed physical density and sound speed, this strength is directly related to the physical size of the model L. A suitable nondimensional parametrization is in terms of the "Jeans number
All models discussed here have n J = 3.
A second parameter is the strength of the mean magnetic field, B x , where indicates a volume average. B x cannot change over time because of the periodic boundary conditions. A sense of the dynamical importance of the mean field may be had by first comparing v A,x ≡ B x / √ 4πρ to the sound speed c s . Our models have v A,x /c s = 1 ("weak" field), √ 10 ("moderate" field), and 10 ("strong" field). The strong and moderate field cases are most consistent with observations (e.g. Crutcher 1999; but see Padoan & Nordlund 1999 for a different perspective).
One may also compare the mean field strength to that required to prevent gravitational collapse: Tomisaka 1988a,b) . In terms of our dimensionless parameters v A,x /c s and n J , this becomes v A,x /c s > πn J . Models which satisfy this condition are subcritical, i.e., will never experience complete gravitational collapse, while systems which fail to satisfy it are supercritical.
2 In the present work, the strong field model is subcritical and the other two models are supercritical. 
Run Evolution
Once the model evolution is started, the initially incompressive velocity field distorts the initially uniform magnetic field. Since the magnetic field distortions are typically large, in the sense that δB 2 /(8π) ρc 2 s , they couple strongly to compressive motions, and density variations result. Density variations also result from exchange of power between the compressive and incompressive parts of the velocity field; this would occur even in the absence of a magnetic field. Because the initial power spectrum of velocities we have chosen has v λ , the velocity variation at a scale λ, varying as λ 1/2 , and the timescale for a density variation to form is λ/v λ , the density variations appear first at the smallest scales. Within a dynamical time, L/v L , density variations have appeared at all scales and the flow is fully turbulent.
Each run begins with a kinetic energy of 100 ρ L 3 c 2 s , which is equivalent to an r.m.s. Mach number (M ≡ σ v /c s ) of √ 200. This kinetic energy is rapidly reduced by work done in bending the mean field and in compressing the isothermal fluid. It is also dissipated in shocks. The total "wave energy" (difference between the energy and that of the initial state in the absence of perturbations) dissipates on a timescale of order L/v L , or 0.07L/c s . Figure 1 shows a color-coded image of the surface density in the middle of one run (B); here black is low density and red is high density.
In this paper we study a set of three identical experiments that differ only in the strength of the mean field. These are designated runs A (strong field, β ≡ c 2 s /v 2 A,x = 0.01), B (moderate field, β = 0.1), and C (weak field, β = 1). Model A is subcritical, and models B and C are supercritical. Runs B and C undergo gravitational collapse in the sense that at some locations the density becomes very large. In run A the peak density rises to about 100ρ after the simulation begins and then drops to only 40ρ at the end of simulation. In contrast, the peak density rises almost monotonically in runs B and C, and at final stages, reaches 7.9 × 10 4ρ (B) and 4.1 × 10 4ρ (C). Note that this density violates the Truelove criterion 3 (Truelove et al. 1997) . At the end of B, the fraction of the mass lying at densities greater than (1, 10, 10 2 , 10 3 , 10 4 )ρ is (75, 20, 4, 2, 1)%. At the end of C, the fraction of the mass lying at densities greater than (1, 10, 10 2 , 10 3 , 10 4 )ρ is (70, 13, 3, 1.5, 0.9)%. Thus while high density, collapsed regions do develop in both supercritical runs, only a small fraction of the mass is in the highest density regions. The fraction of mass we find in collapsing regions is consistent with observations of the efficiency of star formation in giant molecular clouds as a whole (e.g., the 2% found by Myers et al. 1986) .
From each of the simulations we have picked a set of "snapshots" to study intensively. They are labeled according to the run and evolution time (see Table 1 ). Run B, the moderate field (β = 0.1) run, is our "fiducial" run, i.e. the one we believe is most similar to a molecular cloud. Snapshot B9 is our fiducial snapshot, since it is evolved enough that the velocity and magnetic field have had a chance to relax, but not so evolved that all turbulence has decayed away.
Parameters
We have to assign values to both the threshold density ρ t and the smoothing length ∆ (given in units of the grid spacing) to obtain a population of "clumps". In addition to these two parameters there are two scaling parameters that must be chosen to give a physical scale to the simulation (there are two rather than three because gravity sets a lengthscale in the model). We fix the mean number density n H2 = 100 cm −3 and the temperature T = 10 K, corresponding to typical values found in molecular clouds. With these scaling parametersρ = n H2 µ = 3.84 × 10 −22 g cm
.45 pc (since n J = 3). Also the total mass M tot =ρL 3 = 1532 M ⊙ . Once the scaling parameters have been chosen there is a natural choice for the threshold density ρ t -the density corresponding to the critical density for CO(J = 1 → 0) line, ∼ 10 3 cm −3 . 4 Sincen H2 = 100 cm −3 , ρ t = 10ρ. There is no equally simple way to set the smoothing parameter ∆. The purpose of smoothing the dataset before picking out the density maxima is to avoid separation of closely spaced density peaks into separate clumps; one does not want to attach too much significance to objects separated by only one grid zone. This suggests fixing ∆ ∼ 1. The number of clumps decreases as smoothing is increased, however, so choosing ∆ too large would result in the loss of most clumps and most of the information contained in the dataset. We have experimented with ∆ = 1, 1.5, and 2. All these give similar results. All results reported here are for ∆ = 1.5 unless otherwise noted. To avoid making an arbitrary choice of this kind one may alternatively consider an ensemble of clump sets defined by allowing ∆ to vary from 1 to N/2, where N is the number of zones. This is operationally similar to the technique employed in Ostriker et al. (2001); Ostriker (2002) (and also in the analysis of large-scale cosmological structure). Are the clumps well resolved? To decide this issue, we define an effective radius r 2 ef f ≡ ρr 2 /M cl , where the in-3 This criterion checks if the size of the Jeans length is of order a zone size or smaller. The instantaneous Jeans length is λ 2 J = πc 2 s /(Gρ). Since cs is constant in space and time, we can rewrite the Truelove criterion as ρ <
here N is the number of resolution elements along each axis, L is the size of the box, and T , the "Truelove number" must be larger than about 4. In simulations units this becomes ρ < 455ρ. Therefore we are not resolving the internal dynamics of the clump with the highest peak density. tegral is taken over the clump volume, r is measured from the clump center of mass, and M cl is the clump mass. The distribution of r ef f depends on ∆. For ∆ = 1.5 the clump size distribution in snapshot B9 (our fiducial snapshot) is such that 97% of the clumps have an effective radius r ef f ≥ 3 grid zones, 78% have r ef f ≥ 5 grid zones, and 15% have r ef f ≥ 10 grid zones. Similar results are obtained for other snapshots. Thus most clumps are (at this stage of the evolution) well resolved. Are the 3D clumps identified with this set of parameters at all related to 2D clumps (i.e. the clumps found by applying our clump finding algorithm to column density maps)? Figure 2 shows the column density contours for a line of sight aligned with one of the simulation box axes, and Figure 3 shows the positions of 3D clumps projected onto the same plane. The 3D clumps tend to be located in regions of large column density, but the mass and volume fractions of 3D clumps and 2D clumps differ sharply. The 3D clumps comprise 0.142 M tot and 0.008 L 3 ; in projection the 3D clumps cover 39% of the cloud. The 2D clumps comprise 0.325 M tot and 0.526 L 2 . The column density is thus a good tracer of the dense portions of molecular clouds, but much of the contribution to each column may come from regions with density below threshold or even from regions spatially separated from 3D clumps (see Ostriker et al. 2001 ).
clump mass spectrum
The simplest property of simulated clumps that we can study is their mass spectrum. We characterize the mass spectra by four numbers: the maximum clump mass M max , the minimum clump mass M min , the mass corresponding to the peak of the spectrum M peak (defined as the maximum of dN/d ln M for data binned in ln M ) and the slope of the high-mass wing, x. The slope x is determined by binning the clumps in ln M and performing a linear fit to dN/d ln M ∝ M −(x−1) , weighted according to the square root of the number of clumps in a bin in the range M peak < M < M max . Table 2 gives a summary of the mass spectrum characteristics for each of the snapshots.
In measuring x our intent is simply to characterize the shape of the mass spectrum in a way that is similar to that used by observers, not to suggest that the underlying spectrum is a power law. Other forms of the mass spec-trum may well provide a better fit. Also notice that the measurement of x is noisy because of the small number of clumps in the high mass wing. It can change by ±0.3 depending on the choice of bin size and location.
The minimum clump mass M min may be influenced by numerical resolution. We do not have a resolution study in hand and so we cannot quantitatively evaluate this. The minimum clump mass permitted by our clump finding algorithm is the mass in a single zone that exceeds the threshold density. This is (10/256
3 )M tot = 9.1 × 10 −4 M ⊙ , which is much smaller than our typical M min . This is reassuring, but because the smallest clumps typically consist of a small number of zones the reader is cautioned against placing too much weight on our measurements of M min .
Consider the mass spectrum of the fiducial snapshot B9, which is in many respects typical (Figure 4 , solid line). A total of 300 clumps were identified, accounting for 14.2% of the total mass and 0.871% of the volume. The slope of the spectrum is x = 2.35 (it is an accident that this is so close to the Salpeter slope for the stellar initial mass function [IMF] , since different values of the smoothing parameter ∆ and different binning schemes give values of x that vary by as much as ±0.3).
The maximum mass M max = 5 × 10 −3 M tot , the minimum mass M min = 6 × 10 −5 M tot , and the peak mass M peak = 3 × 10 −4 M tot . In physical units the peak mass is close to 0.5 M ⊙ , and the minimum and maximum to 0.1 and 8 M ⊙ , respectively. Clearly this is an interesting range of masses if clumps like these are the immediate precursors of star formation, but it is important to remember the numerical limitations of our study. In particular we do not know how these values might vary with initial conditions, Jeans number n J , Mach number, or numerical resolution.
We expect that some clumps are transients, the result of collisions between oppositely moving streams of gas in which gravity plays no role, while others are long lived and self-gravitating. To measure the importance of gravity for each clump we define
where
3 r is related to the internal energy and E b = B 2 /(8π) d 3 r is the magnetic energy inside the clump; in each case the integral is taken over the clump volume. We somewhat arbitrarily label clumps as self-gravitating if α ≥ 0.5 and nonself-gravitating otherwise. Notice that our α is slightly different from the usual "virial parameter", which is proportional to the ratio of gravitational potential energy to kinetic energy. We will analyze the kinematics of clumps by the virial theorem in greater detail in a later paper (see, e.g., Zweibel 1990; McKee & Zweibel 1992; Bertoldi & McKee 1992; Ballesteros-Paredes et al. 1999) .
We show in Figure 4 the mass spectra for self-gravitating (dotted line) and nonself-gravitating (dashed line) clumps in snapshot B9. At this stage only 4% of the clumps (about 14% of total clump mass) are self-gravitating, and all self-gravitating clumps are in the high-mass wing of the spectrum. The majority of the clumps are nonselfgravitating, and thus x for all clumps and for the nonselfgravitating subset are about the same. How does the clump mass spectrum evolve (see, e.g., Williams & Blitz 1998) ? In Figure 5 we show the mass spectra from the fiducial, earliest and last snapshots in run B. Several features stand out: (1) M max increases with time. From the first to last snapshot M max has increased about an order of magnitude. On the other hand, M min remains about the same. (2) M peak remains about the same. (3) The number of clumps at peak (per bin) and the total clump number decrease with time. This is a result of clump agglomeration. Notice that, although in runs B and C the total clump number decreases with time, the total mass contained in clumps increases. Evidently clumps also accrete mass from lower-density material. (4) The slope of the high-mass wing becomes "shallower", i.e., x decreases: x(B3) = 3.15, x(B9) = 2.35, x(B19) = 1.98. (5) The number of self-gravitating clumps increases, especially in the high-mass wing: in the fiducial snapshot there are only 13 self-gravitating clumps, but in the last snapshot the entire high-mass wing is comprised of such clumps (extending down to M peak ≈ 0.6 M ⊙ ).
Does the field strength influence the mass spectrum? Figure 6 shows mass spectra from snapshots A19, B9, and C9. We have chosen to compare these snapshots because all have similar sonic Mach numbers M ≈ 5. For the two supercritical runs (B and C) the mass spectra are similar. The subcritical run (A), however, is different: there are essentially no self-gravitating clumps in any of the snapshots and the mass spectrum changes in time in such a way that the number of clumps decreases as the evolution progresses. Finally, do projection effects change the mass spectrum? We have examined the mass spectrum of clumps in column density maps made from our simulations. We use precisely the same clump definition for the column density maps as in our 3D density fields, except that no smoothing is applied (∆ = 0, since the transformation to column density is effectively a smoothing operation) and the threshold column density is set to be 1.1 times the mean column density. We refer to the resulting clumps as "2D clumps". We find that (1) masses of 2D clumps are larger than the 3D clumps (by about an order of magnitude) and therefore, M max and M p are both greater than those in 3D spectra. (2) The slopes are generally slightly steeper than the 3D ones and have a weak tendency to become shallower in time. For example, x(B3, 2D) = 3.26, x(B9, 2D) = 2.49, x(B19, 2D) = 2.50. The 2D and 3D mass spectra for snapshot B9 are compared in Figure 7 .
clump shapes
Clump shapes may be an indicator of the dynamical processes that govern clump internal dynamics. For example, early models of magnetized, self-gravitating clouds (e.g. Mouschovias 1976 ) have oblate spheroidal isodensity contours that are flattened in a plane perpendicular to the mean magnetic field. Observers have looked for evidence of such oblate structures in molecular line maps of clouds. Myers et al. (1991) (see also David & Verschueren 1987; Fleck 1992; Curry & Stahler 2001 ) measured the projected axis ratios (r) of 16 dense cores in dark clouds and found that r = 0.5 − 0.6. They modeled ensembles of identical spheroidal cores, either all prolate or all oblate, assuming that their orientation in space is isotropic. Their results showed that the prolate ensemble can account for r with reasonable intrinsic axis ratio, while it requires extremely flattened oblate cores to produce same projected axis ratios. This suggests that prolate objects are preferred, contrary to the prediction of static, magnetized models. Ryden (1996) obtained a tighter constraint on the shapes of clouds by studying the full distribution of apparent axis ratios f (r). For several samples of dense interstellar clouds, including Bok globules, dense cores, and clumps, she mapped the estimated distribution f (r) into a distribution of intrinsic axis ratios under the hypothesis that the clouds were oblate or prolate spheroids. She found that for most of her cloud samples the data were inconsistent, or at best marginally consistent, with the hypothesis that clouds are oblate spheroids because of a lack of almost circular (r ∼ 1) objects. The samples were consistent with the hypothesis that the clouds were prolate spheroids. We have performed a similar analysis of a subset of the catalog of clumps in the M17 SW cloud developed by Stutzki & Güsten (1990) using their GAUSSCLUMPS clump finder. We have restricted attention to those clumps with minor axis FWHM larger than 20 ′′ to minimize the effects of rounding by the 13 ′′ FWHM beam, and we have subtracted the beam size in quadrature from the axis lengths given in the paper. Notice that GAUSSCLUMPS uses a slightly different definition of clumps and principal axis lengths from ours. Given this sample of clump principal axis lengths, it is possible to construct an estimate for the continuous distribution f (r) via the nonparametric kernel estimator used by Ryden (we use a kernel width h = 0.08, on a sample of 41 clumps). The result is shown in Figure 8 as a bold dashed line ( Figure 9 shows the same result applied to "2D clumps"; see below). The light dashed lines show the uncertainties in f (r) estimated via a bootstrap resampling technique. The mean axis ratio r = 0.61. Recall that r > 0.5 for oblate spheroids.
As for elliptical galaxies one can only infer the intrinsic shape of a population of spheroidal clouds from a set of axis ratios. If the underlying population is triaxial, no such inference is possible, since a mapping from a distribution with one axis ratios to that with two axis ratios is degenerate. Fig. 8.- The distribution of apparent axis ratios of 3D clumps (histogram) in our model and the distribution of apparent axis ratios in Stutzki & Güsten's (1990) catalog of clumps from M17SW derived using Ryden's (1996) method.
Clump Shape Definition
We characterize clump shapes using the eigenvalues of the moment of inertia tensor:
Here x is measured relative to the clump center of mass.
The eigenvalues are M a 2 ≥ M b 2 ≥ M c 2 , where M is the clump's mass and a, b, c are the principal axis lengths. The corresponding eigenvectors e a , e b , e c are the principal axes. The intrinsic shape can be characterized via the axis ratiosβ ≡ b/a andγ ≡ c/a (note thatβ differs from the plasma β). One advantage of using the moment of inertia tensor to measure clump shape is that it can be related to observations, which are done in two dimensions on the sky. The projection of the moment of inertia tensor is
Here X 1,2 are Cartesian coordinates on the plane of the sky and Σ is the surface density or anything proportional to the surface density, such as total flux in an optically thin line that traces the density. P has eigenvalues M p 2 ≥ M q 2 . The apparent shape is characterized by the apparent axis ratio r ≡ q/p. This is what can be measured by an observer from column density maps of an isolated clump. The apparent shape can be calculated from the eigenvalues a, b, c of the moment of inertia tensor without actually projecting the clump pixel by pixel (this is computationally useful). Let θ be the angle between e c and line-ofsight, and φ be the angle between e a and x, which points along the intersection of the e a , e b plane with the plane of the sky. Then the apparent axis ratio is r =   P xx + P yy − P 2 xx + 4P 2 xy − 2P xx P yy + P 2 yy P xx + P yy + P 2 xx + 4P 2 xy − 2P xx P yy + P 2
Finally, some terminology: the term "projected clump" as used here refers to an object found by our clumpfinder in three spatial dimensions (a 3D clump) and then projected as if it were completely isolated onto the sky. The term "2D clump" refers to an object found by our clumpfinder in two spatial dimensions, after the entire density field has been projected on the sky. Were all 3D clumps well separated these procedures would yield identical results. However 3D clumps overlap in projection and therefore the populations differ. Clumps lying on the diagonal are prolate (b/a = c/a < 1); clumps lying along the right hand boundary of the plot are oblate (a/b = 1; c < 1). We have divided the diagram into three regions: prolate (within the triangle marked P ); triaxial (within the triangle marked T ); and oblate (within the triangle marked O). The precise boundaries of these regions are arbitrary. Figure 10 shows the distribution of true axis ratios in B9. The self-gravitating clumps are denoted as solid dots, while nonself-gravitating clumps are crosses. The clumps are truly triaxial in the sense that they do not cluster around the prolate or oblate axes. As a convenience, we divide theβ −γ plane into three parts: a "prolate" part (which lies above the line connecting (β,γ) = (1.0, 1.0) and (0.33, 0.0)), an "oblate" group (which lies below the line connecting (β,γ) = (1.0, 1.0) and (0.67, 0.0)), and a "triaxial" group (everything else). Of the 300 clumps, 41% are prolate, 47% are triaxial, and only 12% are oblate. Although the relative clump numbers vary from snapshot to snapshot, in general the prolate and triaxial groups comprise about 90% of the clumps. A purely spheroidal (oblate or prolate) model for the intrinsic clump shape distribution is not viable.
3D Axis Ratios
The prolate, oblate, and triaxial fraction for each snapshot are listed in Table 3 . The only trend worth remarking on is the growth in prolate clumps with time in run A. As we shall see below, these objects have a weak tendency to line up so that the long axis is perpendicular to the magnetic field.
The broad distribution of clump shapes in theβ −γ plane is likely telling us that clumps have complicated internal dynamics-they are turbulent-and are not well described by highly symmetric equilibrium models. The selfgravitating clumps, however, are slightly "rounder" than nonself-gravitating ones; they tend to lie closer to the point (β,γ) = (1.0, 1.0) than their nonself-gravitating counterparts (this is not a resolution effect, as self-gravitating clumps tend to be larger and hence better resolved than nonself-gravitating clumps).
Apparent Axis Ratio
The procedure for obtaining the apparent axis ratio of a 3D clump was described in §5.1. If we apply this procedure to every clump and average over many viewing angles, we can obtain a mean, or expected distribution for f (r). Figure 8 (solid line) shows the distribution of the apparent axis ratios obtained from B9, as well as the result from M17SW (Stutzki & Güsten 1990) .
Crudely speaking, the two distributions are consistent in the sense that both show a characteristic absence of nearly round objects. It is this absence that most strongly rules out a parent population of oblate spheroids (Ryden 1996) . The f (r) changes with time in the sense that the mean apparent axis ratio increases. In fact, f (r) for snapshots B11 and B19 lies within the error bounds permitted by the observations. A similar increase in the mean apparent axis ratio with time is seen in run C (the clumps become rounder with time), but not run A.
Our discussion up to now has concerned apparent axis ratios of individual clumps. Clumps exhibit considerable overlap ("confusion"), however, so the distribution of axis ratios of apparent (2D) clumps may be different from the distribution of apparent axis ratios of real (3D) clumps seen in projection. Figure 9 shows a comparison between the former (2D clumps obtained from a single line of sight projection) and the M17 observations. Broadly speaking, they are consistent with each other and the 2D clumps also show the absence of round clumps.
6. clump orientation Steady-state theoretical models of magnetically supported clouds suggest that clouds should be flattened perpendicular to the magnetic field (e.g., Mouschovias 1976; Tomisaka et al. 1988a,b; Baureis et al. 1989; Lizano & Shu 1989; Galli & Shu 1993; Fiedler & Mouschovias 1993; Li & Shu 1996) or, in the language of this paper, that the clump minor axis should be nearly parallel to the local field. Observations by Goodman et al. (1990) (also Goodman et al. 1992) suggest, however, that cloud minor axes are not correlated with the local field direction. Recent observations showing alignment (Matthews & Wilson 2000) are for a small number of clumps in individual clouds and probably do not indicate a statistically significant alignment 6 . Here we examine correlations between the clump principal axes and the density-weighted mean field within clumps, as well as the mean global fields, B . Figure 11 shows the distribution of the dot product of the clump short axis unit vector (e c ) and the unit vector associated with the density weighted mean magnetic field in the clump (b l ) in snapshot B9. The dashed line shows the distribution expected if both vectors are chosen at random. Evidently there is no strong correlation between the mean local field and the clump minor axis. Figure 12 shows a similar plot for 3D clumps in projection, also for B9. The distribution is obtained as follows: for a fixed viewing angle, we use the same procedure described in §5 to obtain the principal axes of the projected clump, as well as the density-weighted magnetic field vector within each clump. Averaging over 10 4 viewing angles gives the distribution. Again there is no strong correlation between the local mean field and the clump minor axis.
A more complete description of alignment statistics is given in Table 3 . There we list, for each of the snapshots, the fractional alignment of clump axes and the global and local mean fields. The quantity L.A., for example, is the fraction of all clumps with |e a · b l | > 0.86, i.e. the fraction of all clumps with major axis closer than 30
• to the local mean field. Similarly, L.B. is the fraction of all clumps with intermediate axis closer than 30
• to the local mean field, etc. Table 3 also describes the alignment of clump axes with the global volume mean magnetic field with unit vector b g . The quantity G.A. is the fraction of all clumps with |e a · b g | > 0.86. The only significant global alignment is in the late stages of the strong field run, when the short axis has a weak tendency to line up with the global mean field. Notice that if clump magnetic fields are randomly oriented with respect to the clump principal axes, and if the orientation of each clump is independent, we expect L.A. = 0.14 ± 0.52/ √ N at the 87% confidence level, where N is the number of clumps (and similarly for L.B., L.C., etc.). This naïve estimate for the dispersion in alignments is not accurate because clump orientations are probably spatially correlated (i.e. not independent). For example consider run C, whose weak initial field makes any global alignments physically implausible. Nevertheless, C exhibits global alignments that are "statistically significant" according to our naïve estimate. The only significant and physically plausible alignments occur in run A, where we find that the minor axis tends to be weakly aligned with the field. The longest axis also tends to be anti-aligned with the field. This is similar to what might be expected from an equilibrium model, except that the clump shapes tend to be dominantly prolate or triaxial rather than oblate. Table 3 also describes the alignment of projected mean field vectors with the principal axes of the projected moment of inertia tensor. These alignments are given in the final two columns (P.A. and P.B., which are the fraction of clumps with projected field less than 30
• from the projected clump major and minor axes, respectively). For randomly oriented clumps we expect P.A. = P.B. = 0.33. The projected alignments are sensitive to viewing angle, so the values shown have been averaged over 10 4 uniformly distributed viewing angles. The only plausible alignments are in run A; other snapshots show at best marginally significant alignments. To sum up, our numerical models suggest that projected alignments are weak and not a useful diagnostic of field strength.
Clump principal axis alignments, like the mass spectrum, are sensitive to the smoothing parameter ∆. For example, if ∆ = 0 we see an implausible set of alignments in run C. Presumably this is because we are studying alignments near the grid scale. This is one of the motivations for introducing a finite ∆.
rotation
Observations suggest that rotation is not important in supporting clumps against gravitational collapse since rotational energy is small compared to the gravitational potential energy (e.g. Goodman et al. 1993) . However, once collapse takes place, angular momentum may play an important role in determining the characteristics of the system to be formed, e.g., the size of circumstellar disks, or the separation of the stars in a multiple star system.
Clumps or cores are observed to have greater specific angular momentum j than binary or multiple star systems. Consider a binary with masses of 1 M ⊙ for both members and a period of 100 years. The specific angular momentum of this system is j bin = 1.16 × 10 20 cm 2 s −1 . This is typical for young binary T Tauri stars (e.g. Simon et al. 1995) . For single protostars and the envelope, Ohashi et al. (1997) obtained j ∼ 10 20 cm 2 s −1 for two IRAS sources (for circumstellar disks, see, e.g. Beckwith et al. 1990 ). As for dense cores, the results given by Goodman et al. (1993) range from 6 × 10 20 to 4 × 10 22 cm 2 s −1 . Fig. 13 .-Distribution of specific clump spin angular momentum in B9. The normalization is to c 2 s G −0.5ρ−0.5 ≡ jtot/(n J π 0.5 ), where jtot ≡ 3.8×10 23 cm 2 s −1 = 3280 j bin and j bin ≈ 10 20 cm 2 s −1 is a reference angular momentum for a pair of 1 M ⊙ stars in circular orbits at 100 AU.
We have examined the specific angular momenta of the simulated clumps, and find that the values are greater than j bin . In Figure 13 we show the distribution of specific angular momenta of clumps in B9. Clump specific angular momenta span about 2 − 3 decades, e.g., from 10 j bin to ∼ 6 × 10 3 j bin , the peak is at 2.5 × 10 2 j bin ; the range of the distribution decreases with time in B and C snapshots (we cannot say much about run A because there are not many clumps in later snapshots). There is no clear trend in clump specific angular momentum with mass.
Our distribution of specific angular momenta may be compared to those found by Burkert & Bodenheimer (2000) (hereafter BB), who studied clump models in which the internal velocities are drawn from a Gaussian random field at a spatial scale ∼ 0.1pc; their power spectrum (v 2 ∝ k −4 ) was normalized to match the typical velocity dispersion in the Goodman et al. (1998) sample of cores. Their distribution peaks at ∼ 2 × 10 21 cm 2 sec −1 , while ours peaks at 4 × 10 22 cm 2 sec −1 . This difference is attributable to the following factors. First, our sample contains both nonself-gravitating and self-gravitating clumps, while BB's clumps are scaled to match self-gravitating clumps. Second, the self-gravitating clumps in our sample are more massive (by a factor of about 4) than BB's using our standard scaling. Third, the self-gravitating clumps have lower mean specific angular momentum (by about 40%) than the nonself-gravitating clumps. Fourth, while BB chose a Gaussian clump density profile, our clumps have substantial envelopes that can make a significant contribution to clump angular momentum. We conclude that the difference is not significant.
summary
The main results of this paper are: 1. Clumps are triaxial. Clumps that are "prolate" or "triaxial" (in the sense defined in §5) make up 90% of the clump population. Clumps that are "oblate" make up only 10% of the clump population. The distribution of clump shapes implies a distribution of apparent axis ratios that is consistent with observations. We do not see any signs of the sort of oblate equilibria that have been the focus of earlier studies of magnetized clouds emerging in our simulations. But we have not considered the most general possible set of initial states (we assume the massto-flux ratio is uniform), nor have we included the effects of ambipolar diffusion.
The possibility of triaxial cloud cores has also been explored by Basu (2000) ; Jones et al. (2001) ; Jones & Basu (2002) . Basu (2000) , however, suggested that the short axis should be aligned with the magnetic field. This is not seen in our numerical models. The absence of magnetically supported equilibria in self-gravitating, turbulent MHD models has also been noted by several other workers in the field, perhaps most forcefully by . The emergence of such equilibria in supersonic, self-gravitating turbulence cannot yet be ruled out, however, because the effects of ambipolar diffusion, varying mass to flux ratios, and varying initial conditions have not yet been studied.
2. Clump principal axes are not strongly aligned with the magnetic field, either locally or globally. We would not expect to see such alignments in observations, nor are they currently observed. The effect of magnetic fields on cloud structure has been considered earlier by BallesterosParedes & Mac Low (2002) . They found that only strong fields produce an observable effect on the density structure based on a qualitative analysis. A similar result was seen at late stages of self-gravitating evolution in the strongfield models of Ostriker et al. (1999) .
3. The simulated clump mass spectrum has a characteristic mass of ∼ 0.5 M ⊙ (for an assumed mean cloud density and temperature). While this result is suggestive, it depends on some of the choices made in setting up our simulations, including numerical resolution. It is possible that the characteristic mass scales with the total cloud mass or with the sonic Mach number or density of the initial conditions. These scalings have not yet been explored. The high-mass wing of the clump mass spectrum has a slope that is crudely consistent with the Salpeter law, although other, non-power-law forms for the mass spectrum may well be consistent with our data.
Other numerical work on the clump mass spectrum by ; Klessen (2001) ; Klessen & Burkert (2001) ; ; Ballesteros-Paredes & Mac Low (2002) is generally consistent with our results. These models include similar physics to ours, although some models lack selfgravity (Ballesteros-Paredes & Mac Low 2002) , while others lack magnetic fields (Klessen 2001; Klessen & Burkert 2001) .
The simulations of are the most similar to those analyzed here. Differences in Padoan et al.'s analytical methods limit the possibility of detailed comparisons, however: their definition of a self-gravitating clump does not include turbulent kinetic energy; the mass spectra presented are composites of two models with gas temperatures that differ by a factor of three; their definition of a clump depends on contrast of local peaks rather than a density threshold. Nevertheless, the results of the two analyses for the position of the peak of the mass spectrum, as well as for the slope of the high-mass end, are broadly consistent. Klessen (2001) and Klessen & Burkert (2001) use a completely different numerical method (smoothed particle hydrodynamics) and include selfgravity but not magnetic fields. In addition, they allow dense regions to turn into "sink" particles. This allows them to continue the evolution much further in time than is possible in our calculations. The trends we find of an increasingly flat high-end spectrum, and a larger proportion of mass in bound objects, are clearly evident in their distributions at sequential evolutionary stages. Their clump mass spectra are again crudely consistent with ours; minor differences in mass scale and shape may arise due to differences in initial conditions or input parameters (number of Jeans masses). We cannot evaluate this without a direct attempt to reproduce their models.
Recently, (see also have proposed that the clump mass spectrum, and consequently the mass function of collapsing cores, may be predicted solely from three macroscopic quantities averaged over the entire cloud: density, temperature, and velocity dispersion. Although this theory is attractive in many way, the stationary turbulent state adopted for the may not be a good approximation for real star forming regions. Clouds are transient structures, and a cloud may have developed its current mean density, temperature, and velocity dispersion in many ways. Our analysis of purely decaying models shows that some aspects of the mass spectrum are invariant in time (e.g. M peak ) even as the Mach number decreases, while other aspects of the mass spectrum (the fraction of self-gravitating clumps) increase secularly with time. Both of these results suggest that a cloud retains a memory of its dynamical history that may be important for establishing the stellar IMF.
4. Clump specific angular momenta are an order of magnitude larger than in a "typical" binary system. It is interesting that our simulations give clump angular momenta that are so close to the angular momenta of binary systems. This suggests that we are close to resolving the lengthscale where the angular momentum of binaries is determined (since ∆v λ ∼ λ 1/2 in molecular clouds and in supersonic turbulence generally, the specific angular momentum j ∼ ∆v λ λ ∼ λ 3/2 , so λ ∼ j 2/3 ). Future higher resolution numerical models, perhaps with an adaptive mesh, will resolve this scale and may be capable of directly simulating binary formation.
Our results all depend on how the clumps are defined. Because fragmentation during gravitational collapse may decide the final stellar mass function, characterizing the hierarchy of clumpy structure and understanding its consequences may be very important. Mass functions are steeper when clumps-within-clumps are counted rather than discounted (see e.g. Ostriker 2002); whether gravity eventually selects the larger or smaller scale of a nested structure depends on the details of the collapse. More general tools (e.g. wavelet methods) for analyzing the density field will be valuable in characterizing this hierarchical structure. Future analyses should also focus on direct analogues of observable clumps (e.g. simulated clumps in position-position-velocity space for common molecular tracers), although self-consistent treatments of thermodynamics, radiative transfer, and molecular chemistry may ultimately be necessary for realistic source functions.
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